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Few decades ago cosmic magnetic fields were generally regarded as 
unimportant.

Now, we know that most of the visible matter in the Universe is in a 
plasma state  permeated by magnetic fields. 

Magnetic fields play a crucial role in: star formation, solar and stellar 
activity, pulsars, accretion disks, formation and stability of jets, 
formation and propagation of cosmic rays, and stability of galactic 
disks. 

They are also probably crucial in: the interstellar medium (ISM) 
dynamical evolution, in molecular clouds, supernova remnants, proto-
planetary disks, and planetary nebulae, stellar evolution, halos of 
galaxies, galaxy evolution, and structure formation in the early 
Universe

Why Magnetic Fields?
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ELECTROMAGNETIC 
FLUCTUATIONS

•We can estimate intensity of magnetic fields for a 
wavelength ,

At z = 1011, the strength of the fluctuations were 
B ~1016, however with small coherence scale size 
10-12 cm.

�B2�λ/8π = (kBT/2)(4π/3)λ−3

de Souza, R.S. and Opher, R.,  PRD, 77, 043529 (2008)



λ̄
τ ∝ λ2
Lifetime

Mean size

We start our  calculations at 
z ~1011 and follow the 
evolution up to z ~10, when 
first galaxies  form. 



H(z) = H0

�
Ωm0(1 + z)3 + ΩΛ + Ωr0(1 + z)4

∂ni

∂t
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We can analyze this process in the point 
of view of the Bolztmann equation for in 
comoving coordinates. 

Magnetic bubbles tend to align, yielding 
bigger structures. 



EVOLUTION OF THE 
MAGNETIC FIELDS

Table 1: Size and Strength of Magnetic Fields in Bubbles

Epoch Magnetic Field (µG) Redshift Time (sec) Size (cm)

Immediately after the QHPT 10
22

6× 10
11

10
−4

10
−12

Electron positron annihilation era 10
18

10
10

1 10
8

Nucleosynthesis era 10
15

10
8 − 10

9
1− 500 10

10

Equipartition era 2× 10
5

3600 10
12

3× 10
14

Recombination era 2× 10
2

1100 8× 10
12

10
15

Galaxy formation era 9 ∼ 10 10
16

10
17



GALACTIC MAGNETIC 
FIELDS

•We observe magnetic fields in 
galaxies of intensities ~ µG, over 
regions of kpc.  

•We also obser ve intense 
magnetic  fields of 84 µG, in 
galaxies at  z =0.692. 



HOW TO AMPLIFY THESE SEED 
FIELDS?

•We expect that pre galactic seed fields will be 
amplified during galaxy formation and evolution,

•The most popular  mechanism to amplify seed 
fields in galaxy disks is the  - dynamo.



GALACTIC DYNAMO 

∂B̄
∂t

= ∇× (U× B̄) +∇× (αB̄) + β∇2B̄

α = −τ

3
< v ·∇× v >,

β =
τ

2
< v2 >

In order to obtain microgauss magnetic fields during ~10  billion 
years, we need a seed fields ~10-13 G. Observations indicate the 
presence of magnetic fields of microgauss in clusters of galaxies 
and in galaxies at high redshift. Therefore is difficult to explain 
these high fields with classic alpha-omega dynamo. 



PROTOGALACTIC  TURBULENCE

• Kolmogorov Turbulence.

vl ∝ l1/3

Γl ∼ vl/l ∝ l−2/3

de Souza, R.S. and Opher, R., PRD,  81, 6, 067301 (2010)



EQUATIONS FOR EVOLUTION OF 
MAGNETIC FIELDS
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COMMENTS
We show that  in principle, electromagnetic fluctuations  
present in primordial plasma could  create seed magnetic 
fields, 

These seed fields can be amplified by Kolmogorov 
turbulence  present during galaxy formation, 

GOOD!!! Our model can explain the origin of magnetic 
fields in galaxies!!!?????

Take it easy man!!! Any model capable to  
predict seed fields > 10-20 G can be a 
candidate to be amplified by galactic 
turbulence. 



HOW DISCRIMINATE BETWEEN 
MODELS?

• Cosmic Rays ( Good for IGM, but only in low z)

•Nucleosynthesis (Good to constraint a upper limit)

• Faraday Rotation Measurements (Good for clusters, difficult to 
use for IGM)

• CMB polarization (Good for upper limits in high z, but cannot 
constraint the evolution of the field)

• SKA, LOFAR? In principle will be able to follow evolution of 
cosmic fields through 3D Faraday Rotation maps.  

•Next slide,  we will discuss another approach. 



LARGE SCALE STRUCTURES

FILTER MASS

2 L. F. S. Rodrigues, R. S. de Souza and R. Opher

the Jeans mass and, consequently, the filter mass and the quantity
of gas that is accreted by DM haloes.

The paper is organized as follows. In Section 2 we briefly review
our knowledge about primordial magnetic fields, and in Section 3
we present our results, calculating the filter mass with a Jeans mass
corrected for the presence of a primordial magnetic field. Finally,
in Section 4, we present our conclusions.

2 PR I M O R D I A L M AG N E T I C F I E L D S

The origin of large-scale cosmic magnetic fields in galaxies and pro-
togalaxies remains a challenging problem in astrophysics (Zweibel
& Heiles 1997; Widrow 2002; de Souza & Opher 2008, 2010b;
Kulsrud & Zweibel 2008). Understanding the origin of the struc-
tures of the present Universe requires a knowledge of the origin of
magnetic fields. The magnetic fields fill interstellar and intraclus-
ter space and affect the evolution of galaxies and galaxy clusters.
There have been many attempts to explain the origin of cosmic
magnetic fields. One of the most popular astrophysical theories for
creating seed primordial fields is that they were generated by the
Biermann mechanism (Biermann 1950). It has been suggested that
this mechanism acts in diverse astrophysical systems, such as large-
scale structure formation (Peebles 1967; Rees & Reinhardt 1972;
Wasserman 1978), cluster of galaxies (Laganá, de Souza & Keller
2010), cosmological ionizing fronts (Gnedin 2000), gamma-ray
bursts (de Souza & Opher 2010a), star formation and supernova
explosions (Miranda, Opher & Opher 1998; Hanayama et al. 2005).
Another mechanism for creating cosmic magnetic fields was sug-
gested by Ichiki et al. (2006). They investigated the second-order
couplings between photons and electrons as a possible origin of
magnetic fields on cosmological scales before the epoch of recom-
bination. Studies of magnetic field generation, based on cosmo-
logical perturbations, have also been made (Clarke, Kronberg &
Boehringer 2001; Takahashi et al. 2005, 2006; Maeda et al. 2009).

In our Galaxy, the magnetic field is coherent over kpc scales with
alternating directions in the arm and interarm regions (e.g. Kronberg
1994; Han 2008). Such alternations are expected for magnetic fields
of primordial origin (Grasso & Rubinstein 2001).

Various observations put upper limits on the intensity of a homo-
geneous primordial magnetic field. Observations of the small-scale
CMB anisotropy yield an upper comoving limit of 4.7 nG for a ho-
mogeneous primordial field (Yamazaki et al. 2006). Re-ionization
of the Universe puts upper limits of 0.7–3 nG for a homogeneous
primordial field, depending on the assumptions of the stellar pop-
ulation that is responsible for re-ionizing the Universe (Schleicher,
Banerjee & Klessen 2008).

de Souza & Opher (2008) suggested that the fluctuations of the
plasma predicted by the fluctuation–dissipation theorem after the
quark–hadron transition (QHT) is a natural source for a present
primordial magnetic field. They evolved the fluctuations after the
QHT to the present era and predict a present cosmic inhomogeneous
web of primordial magnetic fields and not a homogeneous one. The
effect of this cosmic web of magnetic fields on galaxy formation
will be investigated in a future article.

3 FILTER MASS

In linear theory the filter mass, MF, first defined by Gnedin & Hui
(1998), describes the highest DM mass scale for which the baryon
accretion is suppressed significantly. As shown by Gnedin & Hui,
there is a characteristic length scale, called the filtering scale, over
which the baryonic perturbations are smoothed as compared to the

DM ones. The filtering scale is (characterized by the wavenumber
kF) defined as (see also Naoz & Barkana 2006)

δb

δtot
= 1 − k2

k2
F
, (1)

where δb is the density contrast of baryonic matter and δtot the total
density contrast. For k comparable to kF, the density contrast δb is
severely depressed.

Following Gnedin (2000), we can relate the comoving wavenum-
ber associated with this length scale with the Jeans wavenumber by
the equation

1
k2

F(a)
= 3

a

∫ a

0

da′

k2
J (a′)

[
1 −

(
a′

a

)1/2
]

, (2)

where a flat matter dominated universe is assumed. In the case with
no magnetic fields kJ can be written as

kJ =
(

4πGρ

c2
s

)1/2

, (3)

where cs is the sound velocity of the medium. We see that, as
mentioned above, the overall suppression of the growth of baryonic
density perturbations depends on a time average of the Jeans scale.
By translating the length scales into mass scales, we can then define
the Jeans mass and filter mass:

MJ ≡ 4π

3
ρ̄

(
2πa

kJ

)3

and MF ≡ 4π

3
ρ̄

(
2πa

kF

)3

. (4)

From these definitions and equation (2), we can write

M
2/3
F = 3

a

∫ a

0
da′ M

2/3
J (a′)

[
1 −

(
a′

a

)1/2
]

. (5)

A very important result, obtained by Gnedin (2000), through the
study of cosmological hydrodynamical simulations, is that the filter
mass still characterizes the scale of suppression of the formation
of baryonic structures even in the non-linear regime. Namely, they
found that the filter mass corresponds to the characteristic halo mass
where the halo’s baryonic gas fraction is approximately 50 per cent
of the cosmic baryon fraction.

A simple way to take into account the effects of the magnetic field
on the filter mass is the generalization of equation (4), replacing
equation (3) by

kJB =
(

4πGρ

c2
s + v2

A

)1/2

, (6)

where vA is the Alfven velocity B/
√

4πGρ.
The Jeans mass of a plasma, subject to magnetic pressure, is then

given by

MJ =

√
3

4πG3ρ0

(
B2

4πρ0
+ 3

2
kBT

mHµ

)3

, (7)

where ρ̄ is the mean matter density, mH the mass of a hydrogen
atom, µ the mean molecular weight and kB the Boltzmann constant.

This expression generalizes previous calculations of the Jeans
mass which only considered its limiting cases: B → 0, the usual
Jeans mass (e.g. Padmanabhan 2002), or T → 0, the magnetic Jeans
mass (e.g. Tashiro & Sugiyama 2005).

C© 2010 The Authors. Journal compilation C© 2010 RAS, MNRAS

A very important result, obtained by Gnedin (2000), through the study of cosmological 
hydrodynamical simulations, is that the filter mass still characterizes the scale of suppression of 
the formation of baryonic structures even in the non-linear regime.
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MAGNETIC FILTER MASS
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3.2 Magnetic fields and pressure

For a random magnetic field, the magnetic pressure in a
region of comoving size L greater than the comoving size of
a magnetic cell, L0, is given by (Hindmarsh & Everett 1998)

P =
B2

rms

8π
, (5)

with the following expression for the rms average of the field
(Grasso & Rubinstein 2001; de Souza & Opher 2008)

Brms(a) =
√

〈B2〉 = B0

(

L0

L

)p
(a0

a

)2

, (6)

where B0 is the field intensity in an individual cell, and the
parameter p depends on the geometry of the field considered
(section 3.5).

For L < L0, the average is being made inside a single
cell. Thus, the field is indistinguishable from a homogeneous
field (Rodrigues et al. 2010), and we have

Brms(a) = B0

(a0

a

)2

. (7)

3.3 Turbulence

Equations (6) and (7) can be improved taking into account
the turbulent enhancement of B at large length scales, which
occurs until B reaches equipartition with the kinetic energy
of the plasma. An inverse cascade effect occurs, where small
magnetic structures merge to form larger magnetic struc-
tures, transferring energy to larger length scales. Numerical
simulations suggest that the total enhancement can be writ-
ten as fT (t) # et/τ , where τ is the eddy turn over time of
the intergalactic turbulence. The mean value of τ is τ ∼ 109

years (Ryu et al. 2008).
Thus, equations (6) and (7) become

〈B2〉 = f2
T (z)B

2
0

(

L0

L

)2p

(1 + z)4 for L > L0 , (8)

〈B2〉 = f2
T (z)B

2
0 (1 + z)4 for L < L0 . (9)

When the field reaches equipartition, the turbulent am-
plification stops. To take into account this effect in our cal-
culations, we set an upper limit to the magnetic field of
B ≈ 0.1µG for the comoving strength of the field when aver-
aged over 1 kpc. This is consistent with the expected values
for magnetic fields in equipartition with the environment in
regions around clusters and groups (Ryu et al. 2008).

This also consistent with tests that we made stopping
the amplification when 〈B2〉 ∼ 8π ρkT .

3.4 Obtaining the Jeans mass

It is to be noted that it is not the Alfvenic speed, deter-
mined by B0, which sets the timescale for an overdensity
to respond to perturbations. A simple example shows this.
Let a perturbation be made along the magnetic field, B0,
in a given cell on the surface of the sphere. In that cell
the Alfvenic speed is determined by B0. Let us assume that
the perturbation enters a neighboring cell that could have
its field B0 perpendicular to the direction of propagation of
the perturbation. In this neighboring cell the Alfven veloc-
ity of the perturbation is zero since Alfvenic perturbations
can propagate only along the field. From the above example,

we conclude that in a sphere of randomly oriented cells, the
velocity of perturbations is not the Alfven velocity defined
by B0, but is determined by the average magnetic pressure
determined by B2

rms(& B2
0).

We are interested in obtaining the appropriate Jeans
wave number, kJ , for a sphere of radius L containing ran-
domly oriented magnetic cells of size L0 with average mag-
netic fields B0. The usually used kJ , when magnetic fields
are negligible, is kJ = a

√
4πGρ/cs, where cs is the speed of

sound. In such a sphere, the speed of sound sets the timescale
for an overdensity to respond to perturbations, and is di-
rectly related to the pressure.

In a sphere with a homogeneous magnetic field, BH , the
speed of a perturbation propagating perpendicular to BH is

vma =
√

B2
H

4πρ + c2s, the magneto-acoustic velocity, which sets

the timescale. The energy density in the sphere is
B2

H

4π .
In our case of random magnetic fields, the average en-

ergy density in the sphere is
B2

rms

4π . We may, then, expect
that the characteristic velocity in our sphere of random mag-
netic cells is approximately given by the expression for the
magneto-acoustic velocity given above, with the energy den-

sity
B2

H

4π replaced by
B2

rms

4π . Defining an effective Alfven ve-

locity by v̄2A =
B2

rms

4πρ , the characteristic velocity of a pertur-

bation in our sphere is, then, vc =
√

c2s + v̄2A.
Replacing cs by vc (in the usual expression for kJ when

there is negligible magnetic fields) we then have

kJ
a

=

(

4πGρ
c2s + v̄2A

)1/2

, (10)

which we use in this paper.
Thus, the Jeans mass of a plasma, subject to magnetic

pressure, is given by

M2
J =

3
4πG3ρ̄

(

B2
rms

4πρ̄
+

3
2
kBT
mHµ

)3

, (11)

where we use cs =
√

γkBT/(µmH), with mH being the mass
of a hydrogen atom, µ the mean molecular weight and kB
the Boltzmann constant.

This expression generalizes previous calculations of the
Jeans mass which only considered its limiting cases: B → 0,
the usual Jeans mass (e.g. Padmanabhan 2002), or T → 0,
the magnetic Jeans mass (e.g. Tashiro & Sugiyama 2005).

In order to choose the correct Brms from either equation
(6) or (7), we first calculate the (comoving) Jeans length,
Lm, from equations (7) and (11), in which we assume a
multi-cell regime

L6
m =

( κ
G

)3

[

κ f2
T (z)B

2
0

3

(

L0

Lm

)2p

+
3
2
kBT (z)
µmH

(1 + z)−1

]3

.

(12)
where κ ≡ 2G

Ωm0H
2
0

and we used

ρ̄ = Ωm0
3H2

0

8πG
(1 + z)3 =

3
4π

(1 + z)3

κ
,

and

L3
m =

MJ
4
3
πρ̄

(1 + z)3 = κMJ .

If Lm > L0, then Lm is the comoving Jeans length and
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Equations (6) and (7) can be improved taking into account
the turbulent enhancement of B at large length scales, which
occurs until B reaches equipartition with the kinetic energy
of the plasma. An inverse cascade effect occurs, where small
magnetic structures merge to form larger magnetic struc-
tures, transferring energy to larger length scales. Numerical
simulations suggest that the total enhancement can be writ-
ten as fT (t) # et/τ , where τ is the eddy turn over time of
the intergalactic turbulence. The mean value of τ is τ ∼ 109

years (Ryu et al. 2008).
Thus, equations (6) and (7) become

〈B2〉 = f2
T (z)B

2
0

(

L0

L

)2p

(1 + z)4 for L > L0 , (8)

〈B2〉 = f2
T (z)B

2
0 (1 + z)4 for L < L0 . (9)

When the field reaches equipartition, the turbulent am-
plification stops. To take into account this effect in our cal-
culations, we set an upper limit to the magnetic field of
B ≈ 0.1µG for the comoving strength of the field when aver-
aged over 1 kpc. This is consistent with the expected values
for magnetic fields in equipartition with the environment in
regions around clusters and groups (Ryu et al. 2008).

This also consistent with tests that we made stopping
the amplification when 〈B2〉 ∼ 8π ρkT .

3.4 Obtaining the Jeans mass

It is to be noted that it is not the Alfvenic speed, deter-
mined by B0, which sets the timescale for an overdensity
to respond to perturbations. A simple example shows this.
Let a perturbation be made along the magnetic field, B0,
in a given cell on the surface of the sphere. In that cell
the Alfvenic speed is determined by B0. Let us assume that
the perturbation enters a neighboring cell that could have
its field B0 perpendicular to the direction of propagation of
the perturbation. In this neighboring cell the Alfven veloc-
ity of the perturbation is zero since Alfvenic perturbations
can propagate only along the field. From the above example,

we conclude that in a sphere of randomly oriented cells, the
velocity of perturbations is not the Alfven velocity defined
by B0, but is determined by the average magnetic pressure
determined by B2

rms(& B2
0).

We are interested in obtaining the appropriate Jeans
wave number, kJ , for a sphere of radius L containing ran-
domly oriented magnetic cells of size L0 with average mag-
netic fields B0. The usually used kJ , when magnetic fields
are negligible, is kJ = a

√
4πGρ/cs, where cs is the speed of

sound. In such a sphere, the speed of sound sets the timescale
for an overdensity to respond to perturbations, and is di-
rectly related to the pressure.

In a sphere with a homogeneous magnetic field, BH , the
speed of a perturbation propagating perpendicular to BH is

vma =
√

B2
H

4πρ + c2s, the magneto-acoustic velocity, which sets

the timescale. The energy density in the sphere is
B2

H

4π .
In our case of random magnetic fields, the average en-

ergy density in the sphere is
B2

rms

4π . We may, then, expect
that the characteristic velocity in our sphere of random mag-
netic cells is approximately given by the expression for the
magneto-acoustic velocity given above, with the energy den-

sity
B2

H

4π replaced by
B2

rms

4π . Defining an effective Alfven ve-

locity by v̄2A =
B2

rms

4πρ , the characteristic velocity of a pertur-

bation in our sphere is, then, vc =
√

c2s + v̄2A.
Replacing cs by vc (in the usual expression for kJ when

there is negligible magnetic fields) we then have

kJ
a

=

(

4πGρ
c2s + v̄2A

)1/2

, (10)

which we use in this paper.
Thus, the Jeans mass of a plasma, subject to magnetic

pressure, is given by

M2
J =

3
4πG3ρ̄

(

B2
rms

4πρ̄
+

3
2
kBT
mHµ

)3

, (11)

where we use cs =
√

γkBT/(µmH), with mH being the mass
of a hydrogen atom, µ the mean molecular weight and kB
the Boltzmann constant.

This expression generalizes previous calculations of the
Jeans mass which only considered its limiting cases: B → 0,
the usual Jeans mass (e.g. Padmanabhan 2002), or T → 0,
the magnetic Jeans mass (e.g. Tashiro & Sugiyama 2005).

In order to choose the correct Brms from either equation
(6) or (7), we first calculate the (comoving) Jeans length,
Lm, from equations (7) and (11), in which we assume a
multi-cell regime

L6
m =

( κ
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)3

[
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2
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3
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)2p

+
3
2
kBT (z)
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.

(12)
where κ ≡ 2G

Ωm0H
2
0

and we used

ρ̄ = Ωm0
3H2

0

8πG
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3
4π
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κ
,

and

L3
m =

MJ
4
3
πρ̄

(1 + z)3 = κMJ .

If Lm > L0, then Lm is the comoving Jeans length and

4 R. S. de Souza, L. F. S. Rodrigues and R. Opher

the Jeans mass is given by the solution of
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(13)
If Lm < L0, then the average is done inside a single cell,

using equation (7), and the Jeans mass is given by

M2
J =

κ
G3
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κ
3
f2
T (z)B

2
0 +

3
2

kBT (z)
µmH(1 + z)

]3

. (14)

3.5 Random magnetic field models

We study primordial magnetic fields in the form of randomly
oriented cells considering two possible scenarios for the seed
field.

Dipole like fields The first scenario we discuss is one
where each cell contains a dipole field whose flux is con-
served. In this case we have p = 3/2 (Hindmarsh & Everett
1998; de Souza & Opher 2008; de Souza & Opher 2010b) in
equations (12) and (13).

Ring-like fields We also consider the geometry studied
by Ahonen & Enqvist (1998) and Enqvist & Olesen (1993),
who found cells with large ring-like fields, but with planes of
inclination randomly oriented. Thus, an average over large
volumes corresponds to a random walk of all possible incli-
nations. This is equivalent a random walk on a 2D surface
of a sphere, which implies p = 1.

3.6 Temperature

In order to calculate the Jeans and filtering masses from
equations (4) and (13), it is necessary to have an expression
for the evolution of the temperature of the gas with redshift.
We use the analytic fit of the temperature as a function of
redshift that Kravtsov et al. (2004) obtained for the results
of Gnedin (2000),

T (z) =















(104 K)
(

1+zs
1+z

)α
, z > zs

104 K , zs ! z ! zr

(104 K)
(

1+z
1+zr

)

, z < zr

(15)

where z > zs is the epoch before the first HII regions form,
zr " z " zs is the epoch of the overlap of multiple HII
regions and z < zr is the epoch of complete reionization.

Throughout this paper we use α = 6, zs = 11 and
zr = 8, unless otherwise mentioned.

3.7 Results

We use equations (13), (14) and (15) in (4) to calculate the
effect of RPMF on the filtering mass. The results obtained
by assuming different values for L0 and B0 are shown in
figures 1 and 2, for dipole-like fields, and in figures 5 and 6
for ring-like fields (without taking into account the effects
of amplification, i.e. setting f2

T (z) ≈ 1).
The model proposed by de Souza & Opher (2008) leads

to dipole-like field with a comoving B0 ≈ 0.1µG and
L0 ≈ 1 pc. This curve deviates only slightly from the case
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Figure 1. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, for
zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and,
from bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

of no magnetic field, in figure 1. We found that most models
where magnetic fields are generated during a quark-hadron
phase transition – which would have dipole-like fields with
B0 ≈ 2 × 10−17 G and L0 ≈ 1 A.U. (Hogan 1983), or
B0 ≈ 10−16 G and L0 ≈ 1 pc (Cheng & Olinto 1994) – or
during an electroweak phase transition – ring-like fields with
B0 ∼ 10−7 to 10−9 G and L0 ∼ 10 A.U. (Baym et al. 1996)
– have negligible effects on the filtering mass.

Observations of the cosmic microwave background ra-
diation (CMB) lead to an upper limit on the homogeneous
primordial magnetic field BCMB = 2.98 nG (comoving)
(Yamazaki et al. 2010) with L0 ∼ 1Mpc. This limit cor-
responds to the brown curve plotted in figures 2, 4, 6 and
8. There is, thus, a family of possible models to explain
the origin of cosmic magnetic fields in the early Universe
that can create a difference in the filtering mass between
104 − 109.5M" and is in agreement with the CMB con-
straints.

The increase of the filtering mass due to the presence
of magnetic fields is bigger before the reionization era, since
the temperature, then, contributes less to the total pressure.

We also considered that the seed field could have been
amplified by effects of intergalactic turbulence (as discussed
in section 3.3). The evolution of the filtering mass consider-
ing this effect is shown in figures 3 and 4 for dipole-like fields
and 7 and 8 for ring-like fields. Comparing these figures with
the previous ones, we note that the amplification leads to an
increase in the filtering mass only at small redshifts.

4 GAS FRACTION CONTENT

From numerical simulations, Gnedin (2000) showed that the
filtering mass determines the mass fraction of baryonic mat-
ter which can be found inside halos. Quantitatively, he found
that the fraction, fg, of the mass of the halo of total mass
M , in the form of baryonic gas, can be approximated by the
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3.2 Magnetic fields and pressure

For a random magnetic field, the magnetic pressure in a
region of comoving size L greater than the comoving size of
a magnetic cell, L0, is given by (Hindmarsh & Everett 1998)

P =
B2

rms

8π
, (5)

with the following expression for the rms average of the field
(Grasso & Rubinstein 2001; de Souza & Opher 2008)

Brms(a) =
√

〈B2〉 = B0

(

L0

L

)p
(a0

a

)2

, (6)

where B0 is the field intensity in an individual cell, and the
parameter p depends on the geometry of the field considered
(section 3.5).

For L < L0, the average is being made inside a single
cell. Thus, the field is indistinguishable from a homogeneous
field (Rodrigues et al. 2010), and we have

Brms(a) = B0

(a0

a

)2

. (7)

3.3 Turbulence

Equations (6) and (7) can be improved taking into account
the turbulent enhancement of B at large length scales, which
occurs until B reaches equipartition with the kinetic energy
of the plasma. An inverse cascade effect occurs, where small
magnetic structures merge to form larger magnetic struc-
tures, transferring energy to larger length scales. Numerical
simulations suggest that the total enhancement can be writ-
ten as fT (t) # et/τ , where τ is the eddy turn over time of
the intergalactic turbulence. The mean value of τ is τ ∼ 109

years (Ryu et al. 2008).
Thus, equations (6) and (7) become

〈B2〉 = f2
T (z)B

2
0

(

L0

L

)2p

(1 + z)4 for L > L0 , (8)

〈B2〉 = f2
T (z)B

2
0 (1 + z)4 for L < L0 . (9)

When the field reaches equipartition, the turbulent am-
plification stops. To take into account this effect in our cal-
culations, we set an upper limit to the magnetic field of
B ≈ 0.1µG for the comoving strength of the field when aver-
aged over 1 kpc. This is consistent with the expected values
for magnetic fields in equipartition with the environment in
regions around clusters and groups (Ryu et al. 2008).

This also consistent with tests that we made stopping
the amplification when 〈B2〉 ∼ 8π ρkT .

3.4 Obtaining the Jeans mass

It is to be noted that it is not the Alfvenic speed, deter-
mined by B0, which sets the timescale for an overdensity
to respond to perturbations. A simple example shows this.
Let a perturbation be made along the magnetic field, B0,
in a given cell on the surface of the sphere. In that cell
the Alfvenic speed is determined by B0. Let us assume that
the perturbation enters a neighboring cell that could have
its field B0 perpendicular to the direction of propagation of
the perturbation. In this neighboring cell the Alfven veloc-
ity of the perturbation is zero since Alfvenic perturbations
can propagate only along the field. From the above example,

we conclude that in a sphere of randomly oriented cells, the
velocity of perturbations is not the Alfven velocity defined
by B0, but is determined by the average magnetic pressure
determined by B2

rms(& B2
0).

We are interested in obtaining the appropriate Jeans
wave number, kJ , for a sphere of radius L containing ran-
domly oriented magnetic cells of size L0 with average mag-
netic fields B0. The usually used kJ , when magnetic fields
are negligible, is kJ = a

√
4πGρ/cs, where cs is the speed of

sound. In such a sphere, the speed of sound sets the timescale
for an overdensity to respond to perturbations, and is di-
rectly related to the pressure.

In a sphere with a homogeneous magnetic field, BH , the
speed of a perturbation propagating perpendicular to BH is

vma =
√

B2
H

4πρ + c2s, the magneto-acoustic velocity, which sets

the timescale. The energy density in the sphere is
B2

H

4π .
In our case of random magnetic fields, the average en-

ergy density in the sphere is
B2

rms

4π . We may, then, expect
that the characteristic velocity in our sphere of random mag-
netic cells is approximately given by the expression for the
magneto-acoustic velocity given above, with the energy den-

sity
B2

H

4π replaced by
B2

rms

4π . Defining an effective Alfven ve-

locity by v̄2A =
B2

rms

4πρ , the characteristic velocity of a pertur-

bation in our sphere is, then, vc =
√

c2s + v̄2A.
Replacing cs by vc (in the usual expression for kJ when

there is negligible magnetic fields) we then have

kJ
a

=

(

4πGρ
c2s + v̄2A

)1/2

, (10)

which we use in this paper.
Thus, the Jeans mass of a plasma, subject to magnetic

pressure, is given by

M2
J =

3
4πG3ρ̄

(

B2
rms

4πρ̄
+

3
2
kBT
mHµ

)3

, (11)

where we use cs =
√

γkBT/(µmH), with mH being the mass
of a hydrogen atom, µ the mean molecular weight and kB
the Boltzmann constant.

This expression generalizes previous calculations of the
Jeans mass which only considered its limiting cases: B → 0,
the usual Jeans mass (e.g. Padmanabhan 2002), or T → 0,
the magnetic Jeans mass (e.g. Tashiro & Sugiyama 2005).

In order to choose the correct Brms from either equation
(6) or (7), we first calculate the (comoving) Jeans length,
Lm, from equations (7) and (11), in which we assume a
multi-cell regime

L6
m =

( κ
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)3

[
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2
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3
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+
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(12)
where κ ≡ 2G

Ωm0H
2
0

and we used

ρ̄ = Ωm0
3H2
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and
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m =
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3
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(1 + z)3 = κMJ .

If Lm > L0, then Lm is the comoving Jeans length and

Turbulence
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the Jeans mass is given by the solution of
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(13)
If Lm < L0, then the average is done inside a single cell,

using equation (7), and the Jeans mass is given by

M2
J =

κ
G3

[

κ
3
f2
T (z)B

2
0 +

3
2

kBT (z)
µmH(1 + z)

]3

. (14)

3.5 Random magnetic field models

We study primordial magnetic fields in the form of randomly
oriented cells considering two possible scenarios for the seed
field.

Dipole like fields The first scenario we discuss is one
where each cell contains a dipole field whose flux is con-
served. In this case we have p = 3/2 (Hindmarsh & Everett
1998; de Souza & Opher 2008; de Souza & Opher 2010b) in
equations (12) and (13).

Ring-like fields We also consider the geometry studied
by Ahonen & Enqvist (1998) and Enqvist & Olesen (1993),
who found cells with large ring-like fields, but with planes of
inclination randomly oriented. Thus, an average over large
volumes corresponds to a random walk of all possible incli-
nations. This is equivalent a random walk on a 2D surface
of a sphere, which implies p = 1.

3.6 Temperature

In order to calculate the Jeans and filtering masses from
equations (4) and (13), it is necessary to have an expression
for the evolution of the temperature of the gas with redshift.
We use the analytic fit of the temperature as a function of
redshift that Kravtsov et al. (2004) obtained for the results
of Gnedin (2000),

T (z) =















(104 K)
(

1+zs
1+z

)α
, z > zs

104 K , zs ! z ! zr

(104 K)
(

1+z
1+zr

)

, z < zr

(15)

where z > zs is the epoch before the first HII regions form,
zr " z " zs is the epoch of the overlap of multiple HII
regions and z < zr is the epoch of complete reionization.

Throughout this paper we use α = 6, zs = 11 and
zr = 8, unless otherwise mentioned.

3.7 Results

We use equations (13), (14) and (15) in (4) to calculate the
effect of RPMF on the filtering mass. The results obtained
by assuming different values for L0 and B0 are shown in
figures 1 and 2, for dipole-like fields, and in figures 5 and 6
for ring-like fields (without taking into account the effects
of amplification, i.e. setting f2

T (z) ≈ 1).
The model proposed by de Souza & Opher (2008) leads

to dipole-like field with a comoving B0 ≈ 0.1µG and
L0 ≈ 1 pc. This curve deviates only slightly from the case
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Figure 1. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, for
zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and,
from bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

of no magnetic field, in figure 1. We found that most models
where magnetic fields are generated during a quark-hadron
phase transition – which would have dipole-like fields with
B0 ≈ 2 × 10−17 G and L0 ≈ 1 A.U. (Hogan 1983), or
B0 ≈ 10−16 G and L0 ≈ 1 pc (Cheng & Olinto 1994) – or
during an electroweak phase transition – ring-like fields with
B0 ∼ 10−7 to 10−9 G and L0 ∼ 10 A.U. (Baym et al. 1996)
– have negligible effects on the filtering mass.

Observations of the cosmic microwave background ra-
diation (CMB) lead to an upper limit on the homogeneous
primordial magnetic field BCMB = 2.98 nG (comoving)
(Yamazaki et al. 2010) with L0 ∼ 1Mpc. This limit cor-
responds to the brown curve plotted in figures 2, 4, 6 and
8. There is, thus, a family of possible models to explain
the origin of cosmic magnetic fields in the early Universe
that can create a difference in the filtering mass between
104 − 109.5M" and is in agreement with the CMB con-
straints.

The increase of the filtering mass due to the presence
of magnetic fields is bigger before the reionization era, since
the temperature, then, contributes less to the total pressure.

We also considered that the seed field could have been
amplified by effects of intergalactic turbulence (as discussed
in section 3.3). The evolution of the filtering mass consider-
ing this effect is shown in figures 3 and 4 for dipole-like fields
and 7 and 8 for ring-like fields. Comparing these figures with
the previous ones, we note that the amplification leads to an
increase in the filtering mass only at small redshifts.

4 GAS FRACTION CONTENT

From numerical simulations, Gnedin (2000) showed that the
filtering mass determines the mass fraction of baryonic mat-
ter which can be found inside halos. Quantitatively, he found
that the fraction, fg, of the mass of the halo of total mass
M , in the form of baryonic gas, can be approximated by the
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the Jeans mass is given by the solution of

M2
J =

κ
G3





κ(1−
2

3
p)

3

f2
T (z)B

2
0L

2p
0

M
2

3
p

J

+
3
2

kBT (z)
µmH(1 + z)





3

.

(13)
If Lm < L0, then the average is done inside a single cell,

using equation (7), and the Jeans mass is given by
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3.5 Random magnetic field models

We study primordial magnetic fields in the form of randomly
oriented cells considering two possible scenarios for the seed
field.

Dipole like fields The first scenario we discuss is one
where each cell contains a dipole field whose flux is con-
served. In this case we have p = 3/2 (Hindmarsh & Everett
1998; de Souza & Opher 2008; de Souza & Opher 2010b) in
equations (12) and (13).

Ring-like fields We also consider the geometry studied
by Ahonen & Enqvist (1998) and Enqvist & Olesen (1993),
who found cells with large ring-like fields, but with planes of
inclination randomly oriented. Thus, an average over large
volumes corresponds to a random walk of all possible incli-
nations. This is equivalent a random walk on a 2D surface
of a sphere, which implies p = 1.

3.6 Temperature

In order to calculate the Jeans and filtering masses from
equations (4) and (13), it is necessary to have an expression
for the evolution of the temperature of the gas with redshift.
We use the analytic fit of the temperature as a function of
redshift that Kravtsov et al. (2004) obtained for the results
of Gnedin (2000),

T (z) =















(104 K)
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)α
, z > zs
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(104 K)
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(15)

where z > zs is the epoch before the first HII regions form,
zr " z " zs is the epoch of the overlap of multiple HII
regions and z < zr is the epoch of complete reionization.

Throughout this paper we use α = 6, zs = 11 and
zr = 8, unless otherwise mentioned.

3.7 Results

We use equations (13), (14) and (15) in (4) to calculate the
effect of RPMF on the filtering mass. The results obtained
by assuming different values for L0 and B0 are shown in
figures 1 and 2, for dipole-like fields, and in figures 5 and 6
for ring-like fields (without taking into account the effects
of amplification, i.e. setting f2

T (z) ≈ 1).
The model proposed by de Souza & Opher (2008) leads

to dipole-like field with a comoving B0 ≈ 0.1µG and
L0 ≈ 1 pc. This curve deviates only slightly from the case
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Figure 1. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, for
zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and,
from bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

of no magnetic field, in figure 1. We found that most models
where magnetic fields are generated during a quark-hadron
phase transition – which would have dipole-like fields with
B0 ≈ 2 × 10−17 G and L0 ≈ 1 A.U. (Hogan 1983), or
B0 ≈ 10−16 G and L0 ≈ 1 pc (Cheng & Olinto 1994) – or
during an electroweak phase transition – ring-like fields with
B0 ∼ 10−7 to 10−9 G and L0 ∼ 10 A.U. (Baym et al. 1996)
– have negligible effects on the filtering mass.

Observations of the cosmic microwave background ra-
diation (CMB) lead to an upper limit on the homogeneous
primordial magnetic field BCMB = 2.98 nG (comoving)
(Yamazaki et al. 2010) with L0 ∼ 1Mpc. This limit cor-
responds to the brown curve plotted in figures 2, 4, 6 and
8. There is, thus, a family of possible models to explain
the origin of cosmic magnetic fields in the early Universe
that can create a difference in the filtering mass between
104 − 109.5M" and is in agreement with the CMB con-
straints.

The increase of the filtering mass due to the presence
of magnetic fields is bigger before the reionization era, since
the temperature, then, contributes less to the total pressure.

We also considered that the seed field could have been
amplified by effects of intergalactic turbulence (as discussed
in section 3.3). The evolution of the filtering mass consider-
ing this effect is shown in figures 3 and 4 for dipole-like fields
and 7 and 8 for ring-like fields. Comparing these figures with
the previous ones, we note that the amplification leads to an
increase in the filtering mass only at small redshifts.

4 GAS FRACTION CONTENT

From numerical simulations, Gnedin (2000) showed that the
filtering mass determines the mass fraction of baryonic mat-
ter which can be found inside halos. Quantitatively, he found
that the fraction, fg, of the mass of the halo of total mass
M , in the form of baryonic gas, can be approximated by the
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Figure 2. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, for zs =
11 and zr = 8. The bottom continuous (black) curve corresponds
to the B0 = 0 case. The top continuous (brown) curve corresponds
to the CMB upper-limit B0 ≈ 2.98 nG and L0 = 1 Mpc. The
other curves have B0 = 10nG and, from bottom to top, L0 =
102 pc for the dash-dotted (green) curve; L0 = 103 pc for the
dotted (light-green) curve; L0 = 104 pc for the thin (gray) curve.
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Figure 3. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and, from
bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

expression

fg ≈ fb
[1 + 0.26MF (t)/M ]3

(16)

where fb = Ωb

Ωm
is the cosmic baryon to mass fraction.

Using our expression for the magnetic Jeans mass, we
evaluate the gas fraction for different values of B0 and L0.
We also considered two possible geometries for the seed field
and the possibility of the seed field to be amplified by IGM
turbulence. The results are presented in figures 9, 10.

As expected, we find a dramatic decrease in the gas
fraction for small mass halos, due to the presence of the
magnetic field. The fraction of gas can be changed by 2-3
orders of magnitude at high redshift depending on the value
of B0 and the coherence length of the primordial magnetic
field, L0.
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Figure 4. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The bottom continuous (black) curve
corresponds to the B0 = 0 case. The top continuous (brown) curve
corresponds to the CMB upper-limit B0 ≈ 2.98 nG and L0 =
1 Mpc. The other curves have B0 = 10nG and, from bottom to
top, L0 = 102 pc for the dash-dotted (green) curve; L0 = 102.5 pc
for the dotted (light-green) curve; L0 = 103 pc for the thin (gray)
curve.
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Figure 5. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, for zs = 11
and zr = 8. The continuous (black) curve corresponds to the B0 =
0 case. The other curves have B0 = 0.1µG and, from bottom to
top, L0 = 10 pc for the dotted (red) curve; L0 = 102 pc for
the dash-dotted (dark-blue) curve; L0 = 102.5 pc for the dashed
(blue) curve; L0 = 103 pc for the thin (light-blue) curve.

5 CONCLUSIONS

Wemodified the Jeans mass in order to take into account the
presence of random primordial magnetic fields (RPMF) in
the form of randomly oriented cells with dipole and ring-like
structures. From this modified Jeans mass, we obtained the
filtering mass and the baryonic gas fraction of a dark mat-
ter halo. We showed that, depending on the magnetogenesis
model, which determines B0 and L0, both the Jeans mass
and the baryonic gas fraction can change by orders of mag-
nitude. We found, for example, for a comoving B0 = 0.1µG,
and a reionization epoch that starts at zs = 11 and ends
at ze = 8, for L0 = 100 pc at z = 12, the fg becomes
severely depressed for M < 107 M!, whereas for B0 = 0
the fg becomes severely depressed only for much smaller
masses, M < 105 M!.
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Figure 2. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, for zs =
11 and zr = 8. The bottom continuous (black) curve corresponds
to the B0 = 0 case. The top continuous (brown) curve corresponds
to the CMB upper-limit B0 ≈ 2.98 nG and L0 = 1 Mpc. The
other curves have B0 = 10nG and, from bottom to top, L0 =
102 pc for the dash-dotted (green) curve; L0 = 103 pc for the
dotted (light-green) curve; L0 = 104 pc for the thin (gray) curve.
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Figure 3. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and, from
bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

expression

fg ≈ fb
[1 + 0.26MF (t)/M ]3

(16)

where fb = Ωb

Ωm
is the cosmic baryon to mass fraction.

Using our expression for the magnetic Jeans mass, we
evaluate the gas fraction for different values of B0 and L0.
We also considered two possible geometries for the seed field
and the possibility of the seed field to be amplified by IGM
turbulence. The results are presented in figures 9, 10.

As expected, we find a dramatic decrease in the gas
fraction for small mass halos, due to the presence of the
magnetic field. The fraction of gas can be changed by 2-3
orders of magnitude at high redshift depending on the value
of B0 and the coherence length of the primordial magnetic
field, L0.
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Figure 4. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The bottom continuous (black) curve
corresponds to the B0 = 0 case. The top continuous (brown) curve
corresponds to the CMB upper-limit B0 ≈ 2.98 nG and L0 =
1 Mpc. The other curves have B0 = 10nG and, from bottom to
top, L0 = 102 pc for the dash-dotted (green) curve; L0 = 102.5 pc
for the dotted (light-green) curve; L0 = 103 pc for the thin (gray)
curve.
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Figure 5. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, for zs = 11
and zr = 8. The continuous (black) curve corresponds to the B0 =
0 case. The other curves have B0 = 0.1µG and, from bottom to
top, L0 = 10 pc for the dotted (red) curve; L0 = 102 pc for
the dash-dotted (dark-blue) curve; L0 = 102.5 pc for the dashed
(blue) curve; L0 = 103 pc for the thin (light-blue) curve.

5 CONCLUSIONS

Wemodified the Jeans mass in order to take into account the
presence of random primordial magnetic fields (RPMF) in
the form of randomly oriented cells with dipole and ring-like
structures. From this modified Jeans mass, we obtained the
filtering mass and the baryonic gas fraction of a dark mat-
ter halo. We showed that, depending on the magnetogenesis
model, which determines B0 and L0, both the Jeans mass
and the baryonic gas fraction can change by orders of mag-
nitude. We found, for example, for a comoving B0 = 0.1µG,
and a reionization epoch that starts at zs = 11 and ends
at ze = 8, for L0 = 100 pc at z = 12, the fg becomes
severely depressed for M < 107 M!, whereas for B0 = 0
the fg becomes severely depressed only for much smaller
masses, M < 105 M!.

Filter mass as a function of z
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Figure 2. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, for zs =
11 and zr = 8. The bottom continuous (black) curve corresponds
to the B0 = 0 case. The top continuous (brown) curve corresponds
to the CMB upper-limit B0 ≈ 2.98 nG and L0 = 1 Mpc. The
other curves have B0 = 10nG and, from bottom to top, L0 =
102 pc for the dash-dotted (green) curve; L0 = 103 pc for the
dotted (light-green) curve; L0 = 104 pc for the thin (gray) curve.
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Figure 3. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and, from
bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

expression

fg ≈ fb
[1 + 0.26MF (t)/M ]3

(16)

where fb = Ωb

Ωm
is the cosmic baryon to mass fraction.

Using our expression for the magnetic Jeans mass, we
evaluate the gas fraction for different values of B0 and L0.
We also considered two possible geometries for the seed field
and the possibility of the seed field to be amplified by IGM
turbulence. The results are presented in figures 9, 10.

As expected, we find a dramatic decrease in the gas
fraction for small mass halos, due to the presence of the
magnetic field. The fraction of gas can be changed by 2-3
orders of magnitude at high redshift depending on the value
of B0 and the coherence length of the primordial magnetic
field, L0.

0.2 0.5 1.0 2.0 5.0 10.0 20.0
z104

105

106

107

108

109

1010

MF !M
!
"

Figure 4. Variation of the filtering mass with redshift in the
presence of a dipole-like (p = 3/2) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The bottom continuous (black) curve
corresponds to the B0 = 0 case. The top continuous (brown) curve
corresponds to the CMB upper-limit B0 ≈ 2.98 nG and L0 =
1 Mpc. The other curves have B0 = 10nG and, from bottom to
top, L0 = 102 pc for the dash-dotted (green) curve; L0 = 102.5 pc
for the dotted (light-green) curve; L0 = 103 pc for the thin (gray)
curve.
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Figure 5. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, for zs = 11
and zr = 8. The continuous (black) curve corresponds to the B0 =
0 case. The other curves have B0 = 0.1µG and, from bottom to
top, L0 = 10 pc for the dotted (red) curve; L0 = 102 pc for
the dash-dotted (dark-blue) curve; L0 = 102.5 pc for the dashed
(blue) curve; L0 = 103 pc for the thin (light-blue) curve.

5 CONCLUSIONS

Wemodified the Jeans mass in order to take into account the
presence of random primordial magnetic fields (RPMF) in
the form of randomly oriented cells with dipole and ring-like
structures. From this modified Jeans mass, we obtained the
filtering mass and the baryonic gas fraction of a dark mat-
ter halo. We showed that, depending on the magnetogenesis
model, which determines B0 and L0, both the Jeans mass
and the baryonic gas fraction can change by orders of mag-
nitude. We found, for example, for a comoving B0 = 0.1µG,
and a reionization epoch that starts at zs = 11 and ends
at ze = 8, for L0 = 100 pc at z = 12, the fg becomes
severely depressed for M < 107 M!, whereas for B0 = 0
the fg becomes severely depressed only for much smaller
masses, M < 105 M!.
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Figure 6. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, for zs = 11
and zr = 8. The bottom continuous (black) curve corresponds to
the B0 = 0 case. The top continuous (brown) curve corresponds to
the CMB upper-limit B0 ≈ 2.98 nG and L0 = 1 Mpc. The other
curves have B0 = 10nG and, from bottom to top, L0 = 102 pc
for the dash-dotted (green) curve; L0 = 103 pc for the dotted
(light-green) curve; L0 = 104 pc for the thin (gray) curve.
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Figure 7. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, taking into
account amplification of the seed fields by IGM turbulence, for
zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and,
from bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

Since it is very difficult to make observations of inter-
galactic magnetic fields at high redshifts, and the constraints
imposed by CMB measurements are not very restrictive, we
suggest the possibility to add new constraints on a family
of models for the primordial magnetic field, by following the
redshift evolution of the filtering mass of galaxies.

We also calculated the modified baryonic gas fraction
that can also be used as an indirect observable to help us
to understand the origin and structure of cosmic magnetic
fields.
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Figure 8. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The bottom continuous (black) curve
corresponds to the B0 = 0 case. The top continuous (brown)
curve corresponds to the CMB upper-limit B0 ≈ 2.98 nG and
L0 = 1 Mpc. The other curves have B0 = 1nG and, from bottom
to top, L0 = 102 pc for the dash-dotted (green) curve; L0 =
103 pc for the dotted (light-green) curve; L0 = 104 pc for the
thin (gray) curve.
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Figure 9. Halo gas fraction, in the presence of a dipole-like field
(p = 3/2), as a function of halo mass at z = 3, z = 6, z = 9
and z = 12, in the top-left, top-right, bottom-left and bottom-

right panels, respectively. The thick (green) curve corresponds to
B0 = 0. For all other curves, B0 = 10−7 G. For the dashed (dark-
green) curve we have L0 = 10 pc, for the dotted (blue) curve,
L0 = 102 pc, for the dash-dotted (dark-blue) curve, L0 = 103 pc.
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Figure 6. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, for zs = 11
and zr = 8. The bottom continuous (black) curve corresponds to
the B0 = 0 case. The top continuous (brown) curve corresponds to
the CMB upper-limit B0 ≈ 2.98 nG and L0 = 1 Mpc. The other
curves have B0 = 10nG and, from bottom to top, L0 = 102 pc
for the dash-dotted (green) curve; L0 = 103 pc for the dotted
(light-green) curve; L0 = 104 pc for the thin (gray) curve.
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Figure 7. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, taking into
account amplification of the seed fields by IGM turbulence, for
zs = 11 and zr = 8. The continuous (black) curve corresponds
to the B0 = 0 case. The other curves have B0 = 0.1µG and,
from bottom to top, L0 = 10 pc for the dotted (red) curve; L0 =
102 pc for the dash-dotted (dark-blue) curve; L0 = 102.5 pc for
the dashed (blue) curve; L0 = 103 pc for the thin (light-blue)
curve.

Since it is very difficult to make observations of inter-
galactic magnetic fields at high redshifts, and the constraints
imposed by CMB measurements are not very restrictive, we
suggest the possibility to add new constraints on a family
of models for the primordial magnetic field, by following the
redshift evolution of the filtering mass of galaxies.

We also calculated the modified baryonic gas fraction
that can also be used as an indirect observable to help us
to understand the origin and structure of cosmic magnetic
fields.
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Figure 8. Variation of the filtering mass with redshift in the
presence of a ring-like (p = 1) random magnetic field, taking
into account amplification of the seed fields by IGM turbulence,
for zs = 11 and zr = 8. The bottom continuous (black) curve
corresponds to the B0 = 0 case. The top continuous (brown)
curve corresponds to the CMB upper-limit B0 ≈ 2.98 nG and
L0 = 1 Mpc. The other curves have B0 = 1nG and, from bottom
to top, L0 = 102 pc for the dash-dotted (green) curve; L0 =
103 pc for the dotted (light-green) curve; L0 = 104 pc for the
thin (gray) curve.
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right panels, respectively. The thick (green) curve corresponds to
B0 = 0. For all other curves, B0 = 10−7 G. For the dashed (dark-
green) curve we have L0 = 10 pc, for the dotted (blue) curve,
L0 = 102 pc, for the dash-dotted (dark-blue) curve, L0 = 103 pc.
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COMMENTS

•We show that each magnetogenesis model can affect the 
caractheristic mass that can collapse as function z as well as 
the gas content of the objects.

•We propose to use this values as alternative approach to 
discriminate between models. 

• In the  next slide we will discuss how magnetic fields can affect  
the mass determination of  galaxy clusters. 



CLUSTER OF GALAXIES
Clusters of galaxies are powerful tools for investigations of cosmological interests. The 
evolution of the mass function of a cluster is highly sensitive to cosmological models since 
the matter density controls the rate at which structures grow
 In order to use clusters of galaxies as observational probes of dark energy in the Universe 
and to investigate the structure formation history including baryonic hydrodynamics, the 
non-thermal contribution must be well understood and quantified.

A&A 510, A76 (2010)

performed numerical simulations and found that even clusters
with an overall small magnetic field can be penetrated partially
by regions of high magnetic fields.

Although on average the magnetic pressure in simulations
is much smaller than the thermal pressure (∼5%, Dolag &
Schindler 2000), there are domains of high magnetic fields
approaching or sometimes even exceeding equipartition with
the thermal energy. Previous studies (Dolag et al. 2001a;
Colafrancesco & Giordano 2007, among others) have analyzed
the effects of the magnetic pressure in simulated galaxy clusters.

Magnetic fields and turbulence are possibly related to one
another. It seems plausible that the turbulent motions in the ICM
can maintain the magnetic field by converting kinetic energy into
magnetic energy (Sánchez-Salcedo et al. 1999). The observed
small-scale turbulence in the ICM can be due to bulk velocities
and ongoing merger of substructures. Gas turbulence on small
scales can also be driven directly by motions of galaxies, as
for instance by jets and bubbles from the active galactic nuclei
(AGN, Churazov et al. 2002), although the latter may be con-
fined to the inner regions of the cluster (Lau et al. 2009). The
presence of random gas motion can also contribute to the pres-
sure support in clusters of galaxies.

The chaotic nature of the ICM magnetic field makes it dif-
ficult for energetic particles to scape from the cluster, and thus
cosmic-ray protons would be confined for timescales exceeding
the Hubble time. The electron cosmic rays, on the other hand,
have collisional and radiative lives much shorter. Thus, since the
ICM is permeated by significant magnetic fields, one would ex-
pect the cosmic ray pressure to have some relevance in its sup-
port against gravity.

To consider deviations from the standard assumptions in
computing cluster total mass, the main aim of this work is
to analyze the effects of non-thermal pressure, that is to take
into account magnetic, turbulent and cosmic ray components.
Hydrostatic masses were derived using X-ray observational data
for five Abell clusters: A496, A2050, A1689, A2667 and A2631.
To do so, we use temperature and density profile fits from a pre-
vious work (Laganá et al. 2008) and we introduce the PNT contri-
bution in the magnetohydrostatic equilibrium equation. For these
five clusters, we compare masses determined considering non-
thermal pressure (MNTP(r)) with their hydrostatic values (M(r)).

The paper is organized as follows. We show the data sample
in Sect. 2. The non-thermal components are described in Sect. 3.
In this section we describe the structure of the intra-cluster mag-
netic field, the turbulence in the ICM and the cosmic ray compo-
nent. In Sect. 4, we present the method of determining the cluster
mass, including the effects of the PNT. Our results, as well as a
discussion of them are presented in Sect. 5 and our conclusions
in Sect. 6.

2. Data sample

The objects in our sample are within the redshift range of 0.03 <
z < 0.3 and are drawn from a set of Abell clusters with avail-
able data in the XMM-Newton public archive. These clusters
were previously analyzed by Laganá et al. (2008), who derived
the density profiles fit parameters to compute the total mass.
Although we have not used the object morphology as a criterion
for the cluster selection, all these clusters except A2631 have ap-
parently symmetric X-ray isophotes, suggesting that they are rel-
atively relaxed. The deviations in the surface brightness profile
of A2631, although clearly present, are not very large and do not
invalidate the assumption of spherical symmetry. However, we

Table 1. General cluster properties.

Cluster RA Dec z r500

(J2000) (J2000) h−1
70 kpc

A496 04 33 37.1 –13 14 46 0.033 1480
A2050 15 16 21.6 +00 05 59 0.1183 2172
A1689 13 11 34.2 –01 21 56 0.1823 1785
A2667 23 51 47.1 –26 00 18 0.23 2153
A2631 23 37 39.7 +00 17 37 0.273 1976

are aware of the fact that it may affect total mass reconstruction,
accounting for underestimated mass determinations (Piffaretti &
Valdarnini 2008).

In Table 1, we present the five Abell clusters used in this
work, specifying r500, the radius inside which the mean density
exceeds the critical density by a factor of 500. All masses are
computed inside r500, as it is the largest radius for which the cur-
rent X-ray data require no model extrapolation (Vikhlinin et al.
2006) and is about the virial radius (Lacey & Cole 1993).

Usually, the mass of a cluster is determined under the as-
sumption of hydrostatic equilibrium without the contribution of
non-thermal pressure. In this case, the total mass relies on the
temperature and density profiles.

Satellites with better spatial resolution (like the
XMM-Newton and Chandra) showed a significant differ-
ence between the surface brightness profile data points and the
β-model (Cavaliere & Fusco-Femiano 1976, 1978) at small
radii for cool core clusters (Jones & Forman 1984; Xue & Wu
2000). Based on this observational difference, the β-model was
used to describe the density distribution of non-cool core (NCC)
clusters, while the Sérsic model (Pislar et al. 1997; Demarco
et al. 2003) was used to characterize cool core (CC) clusters.
For A2050 and A2631, the gas density (ρg) is described by

ρg(r) = ρ0

(
1 +

r2

r2
c

)−3β/2

, (1)

where ρ0 and rc are the central gas density and the gas core ra-
dius, respectively. The β parameter determines the power-law
behavior at large radii. For A496, A1689 and A2667 (CC clus-
ters) the gas density profiles were fitted by the Sérsic model
given by

ρg(r) = ρ0

(
r
a

)−p′

exp
[
−
( r
a

)ν]
, (2)

where p′ = p/2, p = 1 − 0.6097ν + 0.05563ν2 and a = a′ 21/ν

(Durret et al. 2005). The best-fit parameters were determined
from the X-ray surface brightness profiles and were given by
Laganá et al. (2008).

3. Non-thermal components

In this section we describe each non-thermal component consid-
ered to contribute to the pressure support.

3.1. The magnetic profile

In the 80s, Jaffe (1980) suggested that the intra-cluster mag-
netic field distribution should depend on the thermal gas den-
sity and on the distribution of massive galaxies, which means it
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Fig. 3. Variation in the mass profile due to the turbulent pressure as
the only non-thermal component for the clusters in our sample. The
red line represents the hydrostatic mass profile, while the green line
shows the maximum variation of the mass profile due to the contribution
of the turbulent pressure. The blue zone represents the region of the
mass profile variation depending on the radial and tangential dispersion
velocities.

Table 2. Maximum difference in mass estimates.

Cluster σB(max) σturb(max) σcr(max) σtotal(max)
A496 17.33% 5.52% 4.87% 27.72%

A1689 20.07% 3.87% 9.47% 33.40%
A2050 1.24% 0.82% 10.69% 12.74%
A2631 0.59% 0.77% 9.79% 11.15%
A2667 14.92% 3.06% 9.93% 27.90%

on the fraction of cosmic-ray pressure with respect to the ther-
mal pressure (Yp). Since the Energetic Gamma Ray Experiment
Telescope (EGRET2) did not detect γ-ray emission from clus-
ters in the GeV band (Reimer et al. 2003), constraints on the
fraction of cosmic ray pressure have been placed in cosmologi-
cal simulations of the large scale structure. In nearby rich clus-
ters, this component should amount to about ∼10–26% of ther-
mal pressure (Ensslin et al. 1997; Miniati et al. 2001; Miniati
2003). By comparing the integrated γ-ray flux above 100 MeV
to EGRET upper limits, Pfrommer & Enßlin (2004) constrained
the CRp scaling parameter in their simulation of nearby cooling-
flow clusters. Thus they were able to infer that the Pcr accounts
for less than 30% of the thermal pressure. But Sijacki et al.
(2008) affirmed that this component can reach up to 50% of the
central gas pressure in clusters.

Despite all the effort in computing the cosmic ray pressure,
the distribution of cosmic-rays in ICM is yet poorly known, and
direct evidence for cosmic-ray ions in the ICM is still lacking.
The measurements cited above indicate that cosmic ray pres-
sure accounts for a minor contribution to the dynamical support
(Ando & Nagai 2008). We expect that future experiments like the
Imaging Air Cherenkov Telescopes (IACTs3, which will work in
the TeV band) and the Gamma-ray Large Area Space Telescope
(GLAST4, which will work in the GeV band) will be able to
provide better constraints to Pcr in clusters.

Bearing these results in mind, we used central values for the
ratio between the cosmic ray pressure and the thermal pressure
between 10–50%. To which end, we adopted 0.1 < Yp0 < 0.5.

The value of Ψ depends on the model adopted for cosmic
ray dynamics in clusters. In the simplest model Ψ = 0, the en-
ergy distribution of cosmic rays follows precisely the thermal
gas in the cluster. The recent radiative simulations performed
by Pfrommer et al. (2007) showed that Ψ takes a value of –0.5,
which was then considered here.

In Fig. 4 we show the mass profile variation due to the cos-
mic ray pressure as the only non-thermal component, compared
to the hydrostatic mass profile. Comparing the results presented
in Fig. 1 with Fig. 4 we verify that the cosmic ray pressure is the
most important non-thermal component for NCC clusters (see
also Table 2).

4. Mass determination including the effects
of non-thermal pressure

We have assumed that the cluster is spherically symmetric, the
gas is in magnetohydrostatic equilibrium and that consequently,
the gas pressure and the non-thermal components support the
ICM against gravity. We can then write:

d(Pg + PB + Pturb + Pcr)
dr

= −ρg
GMNTP(r)

r2 , (9)

2 http://heasarc.gsfc.nasa.gov/docs/cgro/cossc/egret/
3 http://magic.mppmu.mpg.de/introduction/iact.html
4 http://www-glast.stanford.edu/
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Fig. 4. Variation in the mass profile due to the cosmic ray pressure as
the only non-thermal component for the clusters in our sample. The red
line represents the hydrostatic mass profile, while the green line shows
the maximum variation of the mass profile due to the contribution of
the magnetic pressure. The blue zone represents the region of the mass
profile variation depending on the Ψ parameter.

where the gas pressure (Pg) at a temperature T is ρgkT/µmp, the
magnetic pressure (PB) is 〈B2〉/8π, the turbulent pressure (Pturb)
is 1

3ρg(σ2
r + σ

2
t ), cosmic ray pressure (PCR) is Yp0Pg (r/r0)Ψ, G

is the gravitational constant and MNTP is the total mass inside
a radius r. In our case, we computed the total masses within
r500. Considering the influence of non-thermal pressures in the
magnetohydrostatic equilibrium equation, we have the following
expression for the total mass of the cluster:

MPNT(r) = −kBT (r)
GµmH

r
(

d ln ρg(r)
d ln r

+
d ln T (r)

d ln r

)

− r2

8πρg(r)G
dB(r)2

dr
− r2

2ρg(r)G
d
dr

(ρg(r)σ2
r (r))

− r
G

(2σ2
r (r) − σ2

t (r)) − r2

Gρg(r)
dPcr(r)

dr
, (10)

where µ is the mean molecular weight, mH is the hydrogen mass,
k is the Boltzmann constant, T (r) is the temperature profile, B(r)
is the magnetic profile described in Sect. 3.1, and σr and σt are
the radial and tangential dispersion velocity of the intra-cluster
gas, respectively (see Sect. 3.2).

5. Results and discussion

In Fig. 5 we show the evaluation of all non-thermal pressures
separately in order to analyze each contribution alone (right pan-
els). The maximum influence which non-thermal components
yield in the mass estimate is shown in left panels. From this
Figure, we see that the main non-thermal contribution comes
from magnetic fields or cosmic rays, depending on the range of
parameters adopted.

From this figure we also see that in the inner parts (r <
∼0.5 r500) of cool core clusters (A496, A1689 and A2667) the
maximum cosmic ray pressure is higher than the maximum mag-
netic pressure. On the other hand, for the outer parts of the
mass profiles the maximum magnetic pressure is always higher
than the maximum cosmic ray pressure. However, this statement
is not true for non-cool core clusters. For A2050 and A2631,
the cosmic ray pressure dominates the magnetic pressure for all
radii. Even the turbulent pressure becomes more important than
the magnetic component (see Table 2). It is important to note that
we used results from the literature to estimate the central mag-
netic field intensity (e.g., Taylor & Perley 1993; Feretti et al.
1999a; Allen et al. 2001; Eilek & Owen 2002) and as observed
by Vogt & Enßlin (2005) the strength of central magnetic fields
in non-cool core clusters is lower than those present in cool core
clusters. Thus, as the magnetic pressure is described by Eq. (3), a
lower central value leads to a decrease in the magnetic pressure.

In Table 2, we present the maximum difference in mass
estimates considering the influence of each non-thermal pres-
sure separately and all three components together. We define
σB(max) as the maximum difference in mass estimates due to the
magnetic pressure only, σturb(max) is the maximum difference
in mass estimates due to the turbulence pressure only, σcr(max)
maximum difference in mass estimates due to the cosmic ray
pressure only and σtotal(max) is the maximum difference in mass
estimates due to all non-thermal components. The mass variation
given by σMNTP(B) is simply

σMNTP =
MNTP(r) − M(r)

M(r)
· (11)

From Table 2, we see that for CC clusters the magnetic pressure
is dominant, contributing more than 50% of the total mass vari-
ation. Still, for NCC clusters the major component is the cosmic
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would decline with cluster radius. Cluster observations provided
constraints on the radial gradient of the cluster magnetic field
(Brunetti et al. 2001; Govoni et al. 2001; Feretti et al. 2004). The
intensity of the magnetic field was found to decrease smoothly
with the cluster-centric radius, with a trend similar to that of the
thermal gas.

From magnetohydrodynamic (MHD) cosmological simula-
tions, an important characterization of the cluster magnetic dis-
tribution was made by Dolag et al. (1999, 2002). They studied
the correlation between X-ray surface brightness and Faraday ro-
tation measurements (FRMs) in clusters provided by X-ray and
radio observations as well as from models for the ICM. These
authors performed cosmological MHD simulations in order to
recover the correlation between these quantities. They found
a relation between magnetic fields and the gas density of the
cluster, suggesting that the cluster magnetic fields may span a
wide range of spatial scales with a strength that decreases with
distance from the cluster center. Murgia et al. (2004) used nu-
merical simulations to investigate the relation between magnetic
fields and Faraday rotation effects in clusters. These latter au-
thors compared their simulations with polarization properties of
extended cluster radio sources in radio galaxies and halos. They
considered that the intensity of magnetic fields decreases from
the cluster center in agreement with previous results (Dolag et al.
1999, 2002).

Dolag et al. (1999) found that the observed intra-cluster mag-
netic field can be reproduced by the evolution of an initial mag-
netic field at redshift 15 that was amplified by compression dur-
ing the cluster collapse. One of their important results was that
the intra-cluster magnetic field strength is proportional to the gas
density at any point (B(r) ∝ ρ(r)).

Colafrancesco & Giordano (2007) studied the influence of
magnetic fields on the main structural properties of virialized
groups and clusters, assuming that it scales with a density of
B(r) ∝ ρα(r), as previously proposed. The same power law de-
pendence on the density was used by Zhang (2004) and Koch
et al. (2003) to estimate the effect of the intra-cluster magnetic
field on the Sunyaev-Zel’dovich power spectrum.

Motivated by these previous works, we assumed a parametric
form for the radial distribution of the magnetic field

B(r) = B0

(
ρg(r)
ρ0

)α
, (3)

where B0 is the central value of the magnetic field and α is the
shape parameter. Unfortunately, there are no measurements for
the magnetic profile for any of the clusters in our sample. Thus,
we have to use results from the literature to constrain B0 and α.

The effective strength and structure of these magnetic fields
provide the main challenge, because different methods of analy-
sis give different values for magnetic strength. An estimated con-
sideration of the equipartition of the magnetic field strength av-
eraged over the entire halo volume gives magnetic field strengths
of ∼0.1−1 µG (Govoni et al. 2001; Murgia et al. 2004, and ref-
erences therein).

Feretti et al. (1999a) estimated that the magnetic field in the
ICM of A119 should range between 5−10 µG. Bagchi et al.
(1998) found B ≈ 1 µG for the cluster-scale magnetic field
strength. In a more recent work, Clarke et al. (2001) studied a
sample of 16 “normal” low-redshift (z < 0.1) galaxy clusters,
finding that the ICM is permeated with magnetic fields at lev-
els of 4–8 µG. Taylor & Perley (1993) found higher central val-
ues, B ∼ 6−30 µG, for the ICM magnetic fields. Allen et al.
(2001) claimed that the central value of the magnetic fields can

be B = 12 µG. FMRs of radio sources provide magnetic fields
of ∼5−30 µG in cooling flow clusters (e.g., 3C 295, Allen et al.
2001; Coma, Feretti et al. 1995; and Hydra A, Taylor & Perley
1993) where extremely high FRMs have been revealed. Carilli &
Taylor (2002) affirmed that its strength in the center of cooling-
core clusters can reach levels of 10–40 µG.

On the other hand, lower magnetic fields (∼2−8 µG) have
also been detected in clusters without cooling flows (e.g., Feretti
et al. 1999b; Taylor et al. 2001; Eilek & Owen 2002).

The magnetic field strengths obtained from FRMs arguments
are higher than the values derived either from the radio data
or from inverse Compton X-ray emission. The values deduced
from radio synchrotron emission and from inverse Compton re-
fer to averages over large volumes. Instead, FRMs estimates give
a weighted average of the field and gas density along the line of
sight and could be sensitive to the presence of filamentary struc-
ture in the cluster. They could therefore be higher than the aver-
age cluster value. However, as pointed out by Carilli & Taylor
(2002), all of these techniques are based on several assump-
tions. For example, the observed FRMs have been interpreted
until now in terms of simple analytical models which consider
single-scale magnetic fields, while equipartition calculations in
radio halos assume spatially uniform magnetic fields.

There are not many works that studied the power spectrum
of the intra-cluster magnetic field fluctuations. However, Enßlin
& Vogt (2003) and Vogt & Enßlin (2003, 2005) by using a new
semi-analytical technique showed that, for those cluster sources
for which a very detailed FRM image is available, the magnetic
field power spectrum can be estimated.

To take into account all these observational results, we con-
sidered conservative values in our analysis, adopting for cooling
core clusters values for B0 ranging from a low value of 5 µG
up to a strong value of 30 µG. But for non-cooling core clus-
ters we considered the central strength of the magnetic field to
vary from 2 µG < B0 < 8 µG. The values adopted agree with
both observations and with numerical simulations that consid-
ered higher values for magnetic fields in the core of the cluster
and a decrease towards the outskirts.

If the ratio of magnetic and thermal pressure is constant
throughout the cluster, then α = 0.5, if we have an homogeneous
seed magnetic field compressed during cluster formation, one
expects α = 2/3. Vogt & Enßlin (2005) performed a Bayesian
maximum likelihood analysis of Faraday rotation measure in or-
der to derive a power spectrum of cluster magnetic fields. In their
analysis they used three different values for α = 0.1, 0.5, 1.0.
They concluded that values of α = 1.0 are unlikely, but mod-
els with α = 0.1−0.5 match very well with their calculations.
From observational results, Dolag et al. (2001b) found α = 0.9
for A119 and α = 0.5 for 3C 129. If one combines the measure-
ments of the four clusters the data analysis performed by these
latter authors leads to a slightly lower slope, of this correlation
(α = 0.8). Therefore, to be conservative, we decide to vary the
shape parameter within the interval of 0.5 < α < 0.9 to take into
account all the above results.

In Fig. 1 we show the mass profile variation due to the mag-
netic pressure as the only non-thermal component compared
to the hydrostatic mass profile. From this Figure we see that
the magnetohydrostatic profiles for NCC clusters (A2050 and
A12631) present little difference when compared to the hydro-
static profile. This little influence on the magnetic pressure in
NCC cluster is due to the central value assumed for these clus-
ters. As the central strength of the magnetic field is lower in
NCC clusters, the influence of the magnetic pressure is also
lower compared to a CC cluster. For CC clusters we note that
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integral turbulent scale in the Coma cluster is close to 100 kpc,
and they assume a turbulent speed of 250 km s−1 at that scale.

Although a number of other studies have examined random
gas motions and their effect on the mass estimate (e.g., Rasia
et al. 2004; Dolag et al. 2005; Rasia et al. 2006), most of them
have used simulations with SPH gas dynamics. The magnitude
and effects of gas motions in such simulations depends on the
specific treatment of artificial viscosity (Dolag et al. 2005). Thus,
we used the results from Lau et al. (2009), which employed sim-
ulations with Eulerian gas dynamics with very low numerical
viscosity. This approach is therefore useful in evaluating pos-
sible differences between numerical techniques and systematic
theoretical uncertainties.

In order to quantify the importance of pressure support from
random gas motions in clusters, we can write the following rela-
tion for the isotropic turbulent pressure Pturb (Lau et al. 2009):

Pturb =
1
3
ρg(σ2

r + σ
2
t ), (5)

where σr and σt are the radial and tangential dispersion velocity
of the intra-cluster gas respectively. For 16 simulated clusters
with virial masses within the range of (5 × 1013−2 × 1015) M#,
Lau et al. (2009) found that gas motions contribute up to ∼5%–
15% of the total pressure support in relaxed clusters. Thus, on
average the total mass estimate is biased low by about 8 ± 2%
(at r500) in relaxed systems and 11 ± 6% in unrelaxed systems.
These results agree with previous studies (Evrard 1990; Rasia
et al. 2004; Nagai et al. 2007; Piffaretti & Valdarnini 2008), with
contributions increasing along the radius.

Note that random gas pressure and its gradient is sensitive to
small-scale clumps and any pressure inhomogeneity, and these
sources could potentially bias the measurements of the pressure
gradient and hence the hydrostatic mass estimate. In order to
minimize this bias Lau et al. (2009) removed subhaloes with a
mass greater than 1012 h−1 M# and the mass within their tidal
radius from their calculation (see their paper for further details).

In our analysis, we used radial and tangential velocity dis-
persion profiles (see Fig. 2) based on the numerical simulation
of Lau et al. (2009). We show these profiles in Fig. 2 where the
velocity

V500 =

√
GM
r500

(6)

is the circular velocity at r500.
In Fig. 3 we show the mass profile variation due to the tur-

bulent pressure as the only non-thermal component, compared
to the hydrostatic mass profile. From this Figure we see that
the influence of the turbulent pressure in the mass estimates is
small regardless of weather the cluster is a non-cool core or
cool core cluster. Our sample has masses within the range of
(0.3−12) × 1014 M#, and we found that our mass estimates can
be biased low by about ∼5%.

3.3. Cosmic ray pressure

Cosmic ray protons can play an important role within ICM con-
tributing to the equilibrium on the pressure support. Cosmic ray
protons (CRp) and cosmic ray electrons (CRe) can be injected
into the ICM by three different processes which produce mor-
phologically different radio signature (Brunetti 2003; Pfrommer
& Enßlin 2004):

– shock acceleration: natural acceleration mechanism such as
structure formation and merger shocks (Ptuskin et al. 2009;
Ostrowski & Siemieniec-Ozieblo 2002);
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Fig. 2. Velocity dispersion profiles derived from numerical simulation
of Lau et al. (2009). Upper panel: tangential velocity profile used to es-
timate the turbulent pressure. Lower panel: radial velocity profile used
to estimate the turbulent pressure.

– reaccelerated electrons: reaccelerated relativistic particles
injected by sources like radio galaxies, supernova remnants,
merger shocks, galactic winds, etc. (Ensslin et al. 1997;
Berezinsky et al. 1997; Pfrommer & Enßlin 2004);

– particles of hadronic origin: CRp can eventually interact with
the thermal ambient gas producing secondary electrons, neu-
trinos and γ-rays in an inelastic collision which generates a
radio halo through synchrotron emission.

Evidence of non-thermal electrons in the ICM exist in the
form of synchrotron radio emission (Feretti & Giovannini 2008;
Brunetti et al. 2008), excess of extreme-ultraviolet (EUV) and
hard X-ray radiation (Bowyer & Berghöfer 1998; Lieu et al.
1999; Fusco-Femiano 2004). Another consequence of the pres-
ence of cosmic rays in the ICM is the production of gamma rays.

In order to consider the contribution of cosmic ray pres-
sure to the ICM, we followed the prescription of Ando & Nagai
(2008). We can define a relative contribution of the cosmic ray
pressure support as

Yp ≡
Pcr

Pg
, (7)

where this ratio can be parametrized using a power law

Yp(r) = Yp0

(
r
r0

)Ψ
, (8)

where the subscript 0 represents values in the central region.
Sijacki et al. (2008), using numerical simulations, followed the
evolution of the cosmic-ray inside the bubbles, considering both
its hydrodynamical interactions and the dissipation processes
relevant to the cosmic ray population. They found that cosmic
ray pressure is most relevant in the center of the clusters, being
comparable to the thermal pressure for r < 50 h−1 kpc.

Recent studies have highlighted that CRs can be dynami-
cally important in galaxy clusters because they put constraints
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integral turbulent scale in the Coma cluster is close to 100 kpc,
and they assume a turbulent speed of 250 km s−1 at that scale.

Although a number of other studies have examined random
gas motions and their effect on the mass estimate (e.g., Rasia
et al. 2004; Dolag et al. 2005; Rasia et al. 2006), most of them
have used simulations with SPH gas dynamics. The magnitude
and effects of gas motions in such simulations depends on the
specific treatment of artificial viscosity (Dolag et al. 2005). Thus,
we used the results from Lau et al. (2009), which employed sim-
ulations with Eulerian gas dynamics with very low numerical
viscosity. This approach is therefore useful in evaluating pos-
sible differences between numerical techniques and systematic
theoretical uncertainties.

In order to quantify the importance of pressure support from
random gas motions in clusters, we can write the following rela-
tion for the isotropic turbulent pressure Pturb (Lau et al. 2009):

Pturb =
1
3
ρg(σ2

r + σ
2
t ), (5)

where σr and σt are the radial and tangential dispersion velocity
of the intra-cluster gas respectively. For 16 simulated clusters
with virial masses within the range of (5 × 1013−2 × 1015) M#,
Lau et al. (2009) found that gas motions contribute up to ∼5%–
15% of the total pressure support in relaxed clusters. Thus, on
average the total mass estimate is biased low by about 8 ± 2%
(at r500) in relaxed systems and 11 ± 6% in unrelaxed systems.
These results agree with previous studies (Evrard 1990; Rasia
et al. 2004; Nagai et al. 2007; Piffaretti & Valdarnini 2008), with
contributions increasing along the radius.

Note that random gas pressure and its gradient is sensitive to
small-scale clumps and any pressure inhomogeneity, and these
sources could potentially bias the measurements of the pressure
gradient and hence the hydrostatic mass estimate. In order to
minimize this bias Lau et al. (2009) removed subhaloes with a
mass greater than 1012 h−1 M# and the mass within their tidal
radius from their calculation (see their paper for further details).

In our analysis, we used radial and tangential velocity dis-
persion profiles (see Fig. 2) based on the numerical simulation
of Lau et al. (2009). We show these profiles in Fig. 2 where the
velocity

V500 =

√
GM
r500

(6)

is the circular velocity at r500.
In Fig. 3 we show the mass profile variation due to the tur-

bulent pressure as the only non-thermal component, compared
to the hydrostatic mass profile. From this Figure we see that
the influence of the turbulent pressure in the mass estimates is
small regardless of weather the cluster is a non-cool core or
cool core cluster. Our sample has masses within the range of
(0.3−12) × 1014 M#, and we found that our mass estimates can
be biased low by about ∼5%.

3.3. Cosmic ray pressure

Cosmic ray protons can play an important role within ICM con-
tributing to the equilibrium on the pressure support. Cosmic ray
protons (CRp) and cosmic ray electrons (CRe) can be injected
into the ICM by three different processes which produce mor-
phologically different radio signature (Brunetti 2003; Pfrommer
& Enßlin 2004):

– shock acceleration: natural acceleration mechanism such as
structure formation and merger shocks (Ptuskin et al. 2009;
Ostrowski & Siemieniec-Ozieblo 2002);
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Fig. 2. Velocity dispersion profiles derived from numerical simulation
of Lau et al. (2009). Upper panel: tangential velocity profile used to es-
timate the turbulent pressure. Lower panel: radial velocity profile used
to estimate the turbulent pressure.

– reaccelerated electrons: reaccelerated relativistic particles
injected by sources like radio galaxies, supernova remnants,
merger shocks, galactic winds, etc. (Ensslin et al. 1997;
Berezinsky et al. 1997; Pfrommer & Enßlin 2004);

– particles of hadronic origin: CRp can eventually interact with
the thermal ambient gas producing secondary electrons, neu-
trinos and γ-rays in an inelastic collision which generates a
radio halo through synchrotron emission.

Evidence of non-thermal electrons in the ICM exist in the
form of synchrotron radio emission (Feretti & Giovannini 2008;
Brunetti et al. 2008), excess of extreme-ultraviolet (EUV) and
hard X-ray radiation (Bowyer & Berghöfer 1998; Lieu et al.
1999; Fusco-Femiano 2004). Another consequence of the pres-
ence of cosmic rays in the ICM is the production of gamma rays.

In order to consider the contribution of cosmic ray pres-
sure to the ICM, we followed the prescription of Ando & Nagai
(2008). We can define a relative contribution of the cosmic ray
pressure support as

Yp ≡
Pcr

Pg
, (7)

where this ratio can be parametrized using a power law

Yp(r) = Yp0

(
r
r0

)Ψ
, (8)

where the subscript 0 represents values in the central region.
Sijacki et al. (2008), using numerical simulations, followed the
evolution of the cosmic-ray inside the bubbles, considering both
its hydrodynamical interactions and the dissipation processes
relevant to the cosmic ray population. They found that cosmic
ray pressure is most relevant in the center of the clusters, being
comparable to the thermal pressure for r < 50 h−1 kpc.

Recent studies have highlighted that CRs can be dynami-
cally important in galaxy clusters because they put constraints
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integral turbulent scale in the Coma cluster is close to 100 kpc,
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1
3
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2
t ), (5)
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√
GM
r500

(6)
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In Fig. 3 we show the mass profile variation due to the tur-

bulent pressure as the only non-thermal component, compared
to the hydrostatic mass profile. From this Figure we see that
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– reaccelerated electrons: reaccelerated relativistic particles
injected by sources like radio galaxies, supernova remnants,
merger shocks, galactic winds, etc. (Ensslin et al. 1997;
Berezinsky et al. 1997; Pfrommer & Enßlin 2004);

– particles of hadronic origin: CRp can eventually interact with
the thermal ambient gas producing secondary electrons, neu-
trinos and γ-rays in an inelastic collision which generates a
radio halo through synchrotron emission.

Evidence of non-thermal electrons in the ICM exist in the
form of synchrotron radio emission (Feretti & Giovannini 2008;
Brunetti et al. 2008), excess of extreme-ultraviolet (EUV) and
hard X-ray radiation (Bowyer & Berghöfer 1998; Lieu et al.
1999; Fusco-Femiano 2004). Another consequence of the pres-
ence of cosmic rays in the ICM is the production of gamma rays.

In order to consider the contribution of cosmic ray pres-
sure to the ICM, we followed the prescription of Ando & Nagai
(2008). We can define a relative contribution of the cosmic ray
pressure support as

Yp ≡
Pcr

Pg
, (7)

where this ratio can be parametrized using a power law

Yp(r) = Yp0

(
r
r0

)Ψ
, (8)

where the subscript 0 represents values in the central region.
Sijacki et al. (2008), using numerical simulations, followed the
evolution of the cosmic-ray inside the bubbles, considering both
its hydrodynamical interactions and the dissipation processes
relevant to the cosmic ray population. They found that cosmic
ray pressure is most relevant in the center of the clusters, being
comparable to the thermal pressure for r < 50 h−1 kpc.

Recent studies have highlighted that CRs can be dynami-
cally important in galaxy clusters because they put constraints
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Fig. 5. Left panels: minimum and maximum non-thermal pressure profiles for each component. The red dashed line represents the thermal pressure
profile. For the non-thermal pressures, the blue continuous lines represent the maximum and the minimum cosmic ray pressure profiles, the thick
black dashed lines represent the maximum and minimum magnetic pressure profiles and the dot-dashed green line represents the turbulent pressure
profiles. Right panels: comparison between the hydrostatic mass profile (red lines) and the maximum mass profile due to non-thermal components.
The blue region represents all mass profile variations due to all the combinations possible for the three non-thermal components. The clusters are
displayed from top to bottom in the following sequence: A496, A2050, A1689, A2667 and A2631.
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Fig. 5. Left panels: minimum and maximum non-thermal pressure profiles for each component. The red dashed line represents the thermal pressure
profile. For the non-thermal pressures, the blue continuous lines represent the maximum and the minimum cosmic ray pressure profiles, the thick
black dashed lines represent the maximum and minimum magnetic pressure profiles and the dot-dashed green line represents the turbulent pressure
profiles. Right panels: comparison between the hydrostatic mass profile (red lines) and the maximum mass profile due to non-thermal components.
The blue region represents all mass profile variations due to all the combinations possible for the three non-thermal components. The clusters are
displayed from top to bottom in the following sequence: A496, A2050, A1689, A2667 and A2631.
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Fig. 3. Variation in the mass profile due to the turbulent pressure as
the only non-thermal component for the clusters in our sample. The
red line represents the hydrostatic mass profile, while the green line
shows the maximum variation of the mass profile due to the contribution
of the turbulent pressure. The blue zone represents the region of the
mass profile variation depending on the radial and tangential dispersion
velocities.

Table 2. Maximum difference in mass estimates.

Cluster σB(max) σturb(max) σcr(max) σtotal(max)
A496 17.33% 5.52% 4.87% 27.72%

A1689 20.07% 3.87% 9.47% 33.40%
A2050 1.24% 0.82% 10.69% 12.74%
A2631 0.59% 0.77% 9.79% 11.15%
A2667 14.92% 3.06% 9.93% 27.90%

on the fraction of cosmic-ray pressure with respect to the ther-
mal pressure (Yp). Since the Energetic Gamma Ray Experiment
Telescope (EGRET2) did not detect γ-ray emission from clus-
ters in the GeV band (Reimer et al. 2003), constraints on the
fraction of cosmic ray pressure have been placed in cosmologi-
cal simulations of the large scale structure. In nearby rich clus-
ters, this component should amount to about ∼10–26% of ther-
mal pressure (Ensslin et al. 1997; Miniati et al. 2001; Miniati
2003). By comparing the integrated γ-ray flux above 100 MeV
to EGRET upper limits, Pfrommer & Enßlin (2004) constrained
the CRp scaling parameter in their simulation of nearby cooling-
flow clusters. Thus they were able to infer that the Pcr accounts
for less than 30% of the thermal pressure. But Sijacki et al.
(2008) affirmed that this component can reach up to 50% of the
central gas pressure in clusters.

Despite all the effort in computing the cosmic ray pressure,
the distribution of cosmic-rays in ICM is yet poorly known, and
direct evidence for cosmic-ray ions in the ICM is still lacking.
The measurements cited above indicate that cosmic ray pres-
sure accounts for a minor contribution to the dynamical support
(Ando & Nagai 2008). We expect that future experiments like the
Imaging Air Cherenkov Telescopes (IACTs3, which will work in
the TeV band) and the Gamma-ray Large Area Space Telescope
(GLAST4, which will work in the GeV band) will be able to
provide better constraints to Pcr in clusters.

Bearing these results in mind, we used central values for the
ratio between the cosmic ray pressure and the thermal pressure
between 10–50%. To which end, we adopted 0.1 < Yp0 < 0.5.

The value of Ψ depends on the model adopted for cosmic
ray dynamics in clusters. In the simplest model Ψ = 0, the en-
ergy distribution of cosmic rays follows precisely the thermal
gas in the cluster. The recent radiative simulations performed
by Pfrommer et al. (2007) showed that Ψ takes a value of –0.5,
which was then considered here.

In Fig. 4 we show the mass profile variation due to the cos-
mic ray pressure as the only non-thermal component, compared
to the hydrostatic mass profile. Comparing the results presented
in Fig. 1 with Fig. 4 we verify that the cosmic ray pressure is the
most important non-thermal component for NCC clusters (see
also Table 2).

4. Mass determination including the effects
of non-thermal pressure

We have assumed that the cluster is spherically symmetric, the
gas is in magnetohydrostatic equilibrium and that consequently,
the gas pressure and the non-thermal components support the
ICM against gravity. We can then write:

d(Pg + PB + Pturb + Pcr)
dr

= −ρg
GMNTP(r)

r2 , (9)

2 http://heasarc.gsfc.nasa.gov/docs/cgro/cossc/egret/
3 http://magic.mppmu.mpg.de/introduction/iact.html
4 http://www-glast.stanford.edu/
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Fig. 4. Variation in the mass profile due to the cosmic ray pressure as
the only non-thermal component for the clusters in our sample. The red
line represents the hydrostatic mass profile, while the green line shows
the maximum variation of the mass profile due to the contribution of
the magnetic pressure. The blue zone represents the region of the mass
profile variation depending on the Ψ parameter.

where the gas pressure (Pg) at a temperature T is ρgkT/µmp, the
magnetic pressure (PB) is 〈B2〉/8π, the turbulent pressure (Pturb)
is 1

3ρg(σ2
r + σ

2
t ), cosmic ray pressure (PCR) is Yp0Pg (r/r0)Ψ, G

is the gravitational constant and MNTP is the total mass inside
a radius r. In our case, we computed the total masses within
r500. Considering the influence of non-thermal pressures in the
magnetohydrostatic equilibrium equation, we have the following
expression for the total mass of the cluster:

MPNT(r) = −kBT (r)
GµmH

r
(

d ln ρg(r)
d ln r

+
d ln T (r)

d ln r

)

− r2

8πρg(r)G
dB(r)2

dr
− r2

2ρg(r)G
d
dr

(ρg(r)σ2
r (r))

− r
G

(2σ2
r (r) − σ2

t (r)) − r2

Gρg(r)
dPcr(r)

dr
, (10)

where µ is the mean molecular weight, mH is the hydrogen mass,
k is the Boltzmann constant, T (r) is the temperature profile, B(r)
is the magnetic profile described in Sect. 3.1, and σr and σt are
the radial and tangential dispersion velocity of the intra-cluster
gas, respectively (see Sect. 3.2).

5. Results and discussion

In Fig. 5 we show the evaluation of all non-thermal pressures
separately in order to analyze each contribution alone (right pan-
els). The maximum influence which non-thermal components
yield in the mass estimate is shown in left panels. From this
Figure, we see that the main non-thermal contribution comes
from magnetic fields or cosmic rays, depending on the range of
parameters adopted.

From this figure we also see that in the inner parts (r <
∼0.5 r500) of cool core clusters (A496, A1689 and A2667) the
maximum cosmic ray pressure is higher than the maximum mag-
netic pressure. On the other hand, for the outer parts of the
mass profiles the maximum magnetic pressure is always higher
than the maximum cosmic ray pressure. However, this statement
is not true for non-cool core clusters. For A2050 and A2631,
the cosmic ray pressure dominates the magnetic pressure for all
radii. Even the turbulent pressure becomes more important than
the magnetic component (see Table 2). It is important to note that
we used results from the literature to estimate the central mag-
netic field intensity (e.g., Taylor & Perley 1993; Feretti et al.
1999a; Allen et al. 2001; Eilek & Owen 2002) and as observed
by Vogt & Enßlin (2005) the strength of central magnetic fields
in non-cool core clusters is lower than those present in cool core
clusters. Thus, as the magnetic pressure is described by Eq. (3), a
lower central value leads to a decrease in the magnetic pressure.

In Table 2, we present the maximum difference in mass
estimates considering the influence of each non-thermal pres-
sure separately and all three components together. We define
σB(max) as the maximum difference in mass estimates due to the
magnetic pressure only, σturb(max) is the maximum difference
in mass estimates due to the turbulence pressure only, σcr(max)
maximum difference in mass estimates due to the cosmic ray
pressure only and σtotal(max) is the maximum difference in mass
estimates due to all non-thermal components. The mass variation
given by σMNTP(B) is simply

σMNTP =
MNTP(r) − M(r)

M(r)
· (11)

From Table 2, we see that for CC clusters the magnetic pressure
is dominant, contributing more than 50% of the total mass vari-
ation. Still, for NCC clusters the major component is the cosmic

Page 7 of 10

Systematic erros



FINAL REMARKS 

•We show that magnetic fields can be important during early 
phase of the  universe as well as during their evolution;

• It is important to be better understood  in order to avoid 
possible systematic erros; 

•We hope that future experiments, Lofar, SKA can help to 
discriminate between magnetogenesis  models. 



“Magnetic fields are 
important for cosmology 

and should be investigated in 
more details”

Erik Magnus, Magneto


